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We present an updated general purpose nuclear equation of state (EoS) for use in simulations of
core-collapse supernovae, neutron star mergers and black hole collapse. This EoS is formulated in the
context of Density Functional Theory (DFT) and is generalized to include all DFT EoSs consistent
with known nuclear and astrophysical constraints. This EoS also allows for the possibility of the
formation of material with a net proton excess (Yp > 0.5) and has an improved treatment of the
nuclear statistical equilibrium and the transition to heavy nuclei as the density approaches nuclear
matter density. We include the effects of pions in the regime above nuclear matter density and
incorporate all of the known mesonic and baryonic states at high temperature. We analyze how a 3-
body nuclear force term in the DFT at high densities stiffens the EoS to satisfy the maximum neutron
star constraint, however the density dependence of the symmetry anergy and the formation of pions
at high temperatures allows for a softening of the central core in supernova collapse calculations
leading to a robust explosion. We also add the possibility of a transition to a QCD chiral-symmetry-
restoration and deconfinement phase at densities above nuclear matter density. This paper details
the physics, and constraints on, this new EoS and presents an illustration of its implementation
in both neutron stars and core-collapse supernova simulations. We present the first results from
core-collapse supernova simulations with this EoS.
I. INTRODUCTION
To describe the hydrodynamics of compact
matter, be it in heavy-ion nuclear collisions, su-
pernovae or neutron stars, an equation of state
(EoS) is needed to relate the physics of the var-
ious state variables. In supernovae the EoS de-
termines the dynamics of the collapse and the
outgoing shock, and in part determines whether
the remnant ends up as a neutron star or a black
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hole. In a neutron star, it determines the max-
imum mass, mass-radius relationship, internal
composition, cooling timescales, and dynamics
of neutron star mergers.
The two most commonly used equations of
state in astrophysical simulations are the EoS
of Lattimer and Swesty (LS91) [1] and that of
H. Shen et al. (Shen98) [2, 3]. The former uti-
lizes a non-relativistic parameterization of nu-
clear interactions in which nuclei are treated
as a compressible liquid drop including surface
effects. The latter is based upon a Relativis-
tic Mean Field (RMF) theory using the TM1
parameter set in which nuclei are calculated in
a Thomas-Fermi approximation. Subsequently,
H. Shen et al. [4] released updates of the Shen98
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2EoS table. The first update [4], EoS2, increased
the number of temperature points as well as
switching to a linear grid spacing in the proton
fraction. In the second update [4], EoS3, the ef-
fects of Λ hyperons were taken into account. It
should also be noted that several extensions to
the Shen98 table have also been developed, ei-
ther by the implementation of hyperons [5] or, of
particular relevance to the present work, includ-
ing a mixed phase transition to a quark gluon
plasma [6, 7].
Over the last several years much progress has
been made on other popular formulations of
the nuclear EoS for astrophysical simulations,
which we briefly summarize here. The EoS
of Hempel et al. [8] is described by a RMF
in nuclear statistical equilibrium (NSE) for an
ensemble of nuclei and interacting nucleons.
Steiner et al. [9] also constructed several EoSs
to match recent neutron star observations. In
these models the nucleonic matter was parame-
terized with a RMF model that treats nuclei and
non-uniform matter with the statistical model
of Hempel et al. [8].
The EoS described here, the Notre Dame-
Livermore (NDL) EoS, complements the two
most popular EoSs, in that it is formulated
in the context of Density Functional The-
ory (DFT) rather than the liquid drop or RMF
formalism. All three approaches are an approx-
imation to the exact many-body problem with
the true strong interaction. Since DFT con-
nects transparently with the many-body Hamil-
tonian and can be constrained by nuclear struc-
ture [10, 11] it may be closer to the true many
body problem. Nevertheless, all three EoSs rep-
resent different approaches. Thus, one measure
of the uncertainty in the supernova EoS is to
compare these three approaches. The purpose
of the present paper is to summarize the formu-
lation and first application of this general DFT
EoS.
Moreover, the present EoS is of particular in-
terest in the context of modern supernova sim-
ulations. Even after decades of research the
mechanism of core collapse supernova explo-
sions is not yet understood in detail. Indeed,
most supernova simulations that impose spher-
ical symmetry do not explode except for low-
mass progenitor stars [12–14]. Thus, it is cur-
rently thought that a successful explosion re-
quires some other subtle effects such as neutrino
heated convection [15] and the standing accre-
tion shock instability (SASI) [16], or micro-
turbulent heating behind the shock [17]. It
is also worthy of note that it still possible to
obtain an explosion in spherical symmetry ei-
ther by invoking a low mass progenitor [13, 14],
by enhancing the flux of neutrinos emanating
from the core via convection below the neutri-
nosphere [18–20], via a magnetic-rotation insta-
bility [21], a second shock produced by a transi-
tion to quark-gluon plasma within the nascent
neutron star [22, 23], or a resonant oscillation
between a ∼ keV sterile neutrino and an elec-
tron neutrino [24, 25].
It has also been argued [21] that at least part
of the reason for a successful spherical explosion
could be attributed the utilization of an EoS
that was sufficiently soft (high compressibility)
near nuclear matter density to produce a heated
high-density proto-neutron star core (with asso-
ciated high-temperature neutrinos). However,
constraints from the observed masses [26, 27]
and radii [28] of neutron stars require the ex-
istence of a stiff (low compressibility) EoS. In
view of the importance of clarifying the contri-
butions of the EoS to the explosion mechanism
it is important to update the physics and also to
include the possibility of a transition to quark
gluon plasma (QGP) at high density.
In this work we describe the new NDL EoS,
that is publicly available at www.crc.nd.edu/
~astro/NDLEOS/. This EoS evolves from the
original formulation of Bowers and Wilson [29]
and somewhat updated in Wilson and Math-
ews [20]. The NDL EoS is updated to be con-
sistent all available experimental nuclear matter
constraints and recent mass [26, 27] and radius
[9] constraints from neutron stars. In particu-
lar, we re-formulate this EoS in the context of a
generalized DFT with a Skyrme force near the
nuclear saturation density. We also add a tran-
sition to QGP in the regime above the nuclear
saturation density. We also add a more real-
istic transition through the sub-nuclear pasta
3phases.
With regards to the DFT formulation we note
that there are already hundreds of DFT Skyrme
parameterizations available (see for example
[30–32]). Of these, only a small fraction can
satisfy both the nuclear structure constraints
and properties of neutron stars [32]. Here, we
develop a new generalized nuclear EoS capable
of incorporating any or all of the Skyrme pa-
rameterizations in realistic astrophysical simu-
lation.s Moreover, this EoS can be easily up-
dated as new data and/or Skyrme DFT param-
eterizations become available. We present an il-
lustration of the first results of core collapse su-
pernova simulations based upon the set of DFT
formulations that satisfy all of the nuclear and
neutron-star mass-radius constraints. We show
that the these new EoSs lead to an enhancement
in the supernova kinetic energy at early times
(∼ 250 ms) compared to the earlier version of
the EoS.
II. THE NDL EQUATION OF STATE
Depending upon the density and temperature
there are a variety of matter components that
may or may not contribute significantly to the
equation of state during various epochs of su-
pernova collapse, the interiors of neutron stars,
and black hole collapse. These include photons,
electrons, positrons, neutrinos, mesons, excited
mesonic and baryonic states [33], free neutrons,
protons, and atomic nuclei, and even the possi-
bility of a transition to quark gluon plasma.
At low density and high temperatures we as-
sume a meson gas; consisting of thermally cre-
ated, pair-produced mesons with zero chemical
potential. In the high density, but low temper-
ature limit, pions are constrained by chemical
equilibrium among the neutrons, protons and
the other baryonic states. Baryons are assigned
a non-zero chemical potential that guarantees
baryon number conservation. The inclusion of
the additional mesonic and baryonic states is
yet another improvement appearing in this up-
dated EoS.
Below nuclear matter density, the conditions
for nuclear statistical equilibrium (NSE) are
imposed in the NDL EoS above a tempera-
ture of T ≈ 0.5 MeV. Below this temperature
in dynamical astrophysical simulations the nu-
clear matter is solved using a nine element re-
action network which must be evolved during
collapse. Above this temperature, the nuclear
constituents are represented by free nucleons,
alpha particles, and a single “representative”
heavy nucleus. As nuclear matter density is ap-
proached an approximation to the transitions
among pasta phases is adopted that is consis-
tent with the nuclear matter Skyrme density
functional adopted at high density.
The high density hadronic phase of the EoS is
treated with parameterized Skyrme energy den-
sity functionals. The effects of pions and other
mesonic and baryonic resonances on the state
variables at high densities are also included as
well as a phase transition to a QGP.
Since at the relevant densities the material is
optically thick to photons, one can include pho-
tons along with matter particles in the equa-
tion of state. The electrons and positrons are
approximated as a uniform background and are
treated as a non-interacting ideal Fermi-Dirac
gas. Photons are approximated as a black-body
and obey the usual Stefan-Boltzmann law. Neu-
trinos, however, are not necessarily confined and
must be transported dynamically. In astrophys-
ical simulations most matter except neutrinos
can be assumed to be in local thermodynamic
equilibrium (one temperature in a zone) but
not necessarily in chemical equilibrium (i.e. in
supernovae the weak reactions have not neces-
sarily equilibrated). The independent variables
generally chosen for the equation of state are
then the temperature T , the matter rest-mass
density ρ (or alternatively, the number density
n), and the net charge per baryon Ye = ne/nB .
The previous formulation [29] required Ye < 0.5,
but we have removed that restriction in this new
version based upon the possibility [34] for pro-
ton rich ejecta above the proto-neutron star in
core-collapse supernovae.
The baryonic contribution to the NDL EoS is
divided into five regimes:
1. Baryons below nuclear matter density and
4not in NSE;
2. Baryons below nuclear matter density and
in NSE, including the effects of pasta
phases of nuclear matter;
3. Hadronic matter above saturation density
including pions;
4. A phase transition to quark gluon plasma;
and
5. A pure quark-gluon plasma.
The description of matter is completely deter-
mined by three input state variables: the den-
sity (n in [fm−3]), temperature (T in [MeV])
and the “electron fraction” (Ye). We define the
electron fraction and constituent number frac-
tions as
Ye =
ne
nB
(1)
Yi =
ni
nB
. (2)
where nB is the baryon number density and ni
denotes the the number density of species i.
A. Baryons Below Saturation
and not in NSE
Below nuclear saturation density and above
T ≈ 0.5 MeV nuclei are in NSE. However, be-
low this temperature the isotopic abundances
should be evolved dynamically. To achieve this,
the nuclear constituents are approximated by
a 9 element nuclear burn network consisting
of n, p, 4He, 12C, 16O, 20Ne, 24Mg, 28Si, and
56Ni [29].
The free energy per baryon is taken to
be the sum of contributions from an ideal
gas Fg [Eq. (3)] and a coulomb correction
Fc [Eq. (5)]. The ideal gas contribution is sim-
ply,
Fg =
T
mB
∑
i
Xi
[
1
Ai
ln
(
XinBmBA
giT 3/2A
5/2
i
)]
, (3)
where Xi is the nuclear mass fraction, T is the
temperature, Ai is the atomic mass number of
each species, and gi is the spin degeneracy. The
index i runs over the entire reaction network,
and A is given by
A = 2pi
3/2
e (mB)
3/2
. (4)
[Note, that natural units (~ = c = k = 1)
have been adopted here and throughout this
manuscript. We also maintain capital letters
for total energy per baryon [MeV/baryon] and
lowercase for energy densities [MeV/fm3].]
In this regime the baryonic Coulomb contri-
bution to the free energy is approximated by
FC = −1
3
n
1/3
B e
2〈A〉2/3Y 2e , (5)
where 〈A〉 is the average atomic mass of the
dynamic composition. From these relations the
baryonic pressure and energy per unit mass can
be calculated from the ideal gas thermodynamic
relations [20].
PM = nBT
(∑
i
Xi
Ai
)
− 1
9mB
n
4/3
B e
2〈A〉2/3Y 2e ,
(6)
M =
3
2
T
mB
(∑
i
Xi
Ai
)
− 1
3mB
n
1/3
B e
2〈A〉2/3Y 2e .
(7)
B. Baryons Below Saturation and in NSE
When nuclear statistical equilibrium (NSE) is
valid, the baryonic nuclear material is approx-
imated as consisting of a four component fluid
of free protons, neutrons, alpha particles and an
average representative heavy nucleus. This for-
mulation is reasonably accurate and convenient
in that it leads to fast analytic solutions for the
NSE. One should exercise caution, however, [29]
when considering detailed thermonuclear burn-
ing or a precise value of Ye in NSE is desired.
5In such cases an extended NSE network should
be employed.
In the absence of weak interactions the neu-
tron and proton mass fractions are constrained
by charge conservation (i.e. constant electron
fraction Ye), ∑
i
(Zi/Ai)Xi = Ye , (8)
and baryon conservation, i.e.∑
i
Xi = 1 . (9)
The thermodynamic quantities are deter-
mined from the free energy per baryon, which
is given as a sum of the various constituents,
F = Fn + Fp + Fα + F〈A〉 , (10)
where Fn and Fp are contributions from free
neutrons and protons respectively, Fα is the free
energy of the alpha particles, and F〈A〉 is the
free energy of heavy nuclei. These can each be
expanded [20] in terms of their various contri-
butions,
Fn = XBYn
{
n0W + N (1−W ) + 3
2
T
[√
1 + ζ2n − ln
(
1 +
√
1 + ζ2n
βζn
)]}
, (11)
Fp = XBYp
p0W + N (1−W ) + 32T
√1 + ζ2p − ln
1 +
√
1 + ζ2p
βζp
 , (12)
Fα = Xα
{
α0W + N (1−W ) + T
4
ln
(
XαnmBα
T 3/245/2
)}
, (13)
F〈A〉 = Fbulk + FS + FC + Fthermal (14)
where the various terms in Eqs. (11) - (14) are
defined as the following.
The mass number of the representative heavy
nucleus 〈A〉 is taken to be A = 100 if 〈A〉 ≥ 100,
while for 〈A〉 < 100 we approximate the density
dependent mass of the average heavy nucleus
as:
〈A〉 = 194.0(1−Ye)2(1+X+2X2+3X3) . (15)
This expression arises [35] from enforcing that
the nuclear surface energy be twice the Coulomb
energy.
The density parameter X in Eq. (15) is de-
fined by
X ≡
(
ρ
7.6× 1013 g/cm3
)1/3
. (16)
In Eqs. (11) and (12) XB is the free baryon mass
fraction, while in Eqs. (13) and (14) Xα and XA
are the mass fractions of 4He and the average
heavy nucleus respectively. The quantities Yp
and Yn are the relative number fractions of free
baryons in protons or neutrons, respectively.
The quantity YA is the average Z/A for heavy
nuclei determined by the minimization of the
free energy as described below. The quantity W
in Eqs. (11)-(14) is a weighting factor that inter-
polates between the low density and high den-
sity regimes. It is defined by W = (1− ρ/ρN )2.
The transition from subnuclear to supra-nuclear
density is expected to be continuous. The rea-
son for this is that, as the density increases, the
equilibrium continuously shifts to progressively
heavier nuclei.
The quantity ρN is the density at which nu-
clear matter becomes a uniform sea of nucleons.
6In the formulation of Bowers and Wilson [20],
this was found by fitting the saturation density
of nuclear matter [i.e. PM (n0, T = 0, Ye) = 0]
as a function of ρ and Ye. The zero-temperature
result was chosen to simplify the problem of
making a smooth transition between the three
equation of state regimes. The result is
ρN = 2.66× 1014
[
1− (1− 2Ye)5/2
]
g cm−3 .
(17)
We caution, however, that the true crust-core
transition density is temperature dependent
and the transition density is correlated with
some of the EOS properties such as the sym-
metry energy slope [31]. However, in supernova
collapse the the passage through this transition
is rapid and thus has little observable affect on
the explosion. Also, the maximum neutron star
mass constraint utilized here is not sensitive to
the crust-core transition as shown in Xu et al.
[31].
The normal 56Fe ground state is taken as the
zero of binding energy. This is unlike most other
equations of state for which the zero point is
chosen relative to dispersed free nucleons. The
reason for these choices is that it avoids the nu-
merical complication of negative internal ener-
gies in the hydrodynamic state variables at low
temperature and density due to the binding en-
ergy of nuclei. The energy per nucleon required
to dissociate 56Fe into free nucleons is fixed at
p0 = 8.37 MeV for protons, while for neutrons
it is n0 = 9.15 MeV [20]. Thus we take
Fbulk = X〈A〉N (1−W ) . (18)
The last component of the Helmholtz free en-
ergy for heavy nuclei is the thermal contribu-
tion,
Fthermal = X〈A〉
T
A
ln
(
XAnmBα
gAT 3/2A5/2
)
. (19)
where A is the mass number of the average
heavy nucleus, as given in Eq. 15.
The quantities ζn and ζp in Eqs (12) and
(11) are a measure of the degeneracy of the free
baryons. They are defined [20, 29] by
ζn =
B(ρYnXB)2/3
T
; ζp =
B(ρYpXB)2/3
T
,
(20)
where the quantity B(ρYiXB)2/3 is the en-
ergy per baryon of a zero-temperature, non-
relativistic ideal fermion gas and the constant
B is
B = 3
10
(
3
8pi
)2/3
h2
m
5/3
B
. (21)
The dimensionless constant β appearing in
Eqs. (12) and (11) is determined such that the
translational part of fp and fn reduces to the
correct non-degenerate limit (T → ∞, ζi → 0).
That is,
3
2
T
[√
1 + ζ2n − ln
(
1 +
√
1 + ζ2n
βζn
)]
→ T ln
(
XBρYiA
T 3/2
)
.
(22)
This requirement implies
β =
(A
2
)2/3(
3
eB
)
= 0.781 , (23)
where A is given in Eq. (4).
The function b(Ye) in Eq. (14) is determined
by the condition that the Coulomb contribution
to the pressure at ρ = ρN be canceled by the
term proportional to b(Ye). This requires,
b(Ye) =
e2
18
( 〈A〉2
mB
) 1
3
[
1
ρN
+ 2
(
∂ ln 〈A〉
∂ρ
)
ρN
]
.
(24)
The expression for the statistical weight of
the heavy nucleus gA appearing in Eq. (14) is
7taken to be
1
A
ln gA =
3
2
{[
1−
√
1 +
(
T
TS
)2]
T
TS
+ ln
[
T
TS
+
√
1 +
(
T
TS
)]}
,
(25)
where
TS = (8 MeV)
(
1 + 2
ρ
ρN
)
. (26)
C. Nuclear Pasta Phases
There is a great deal of interesting nuclear
physics in this regime at low temperatures
in which the interplay between the Coulomb
and surface energies lead to various forms of
“pasta” nuclei, with growing mass number and
geometries varying from spherical to sheet-like
to cylinder-like geometries [36]. Moreover, al-
though this regime is not important during the
collapse itself it does matter for the nascent
proto-neutron star. This is because convection
near the surface and in this density regime of the
star can have a significant impact on the early
(∼ 0.1− 0.5 sec) transport of neutrino flux and
its associated heating of material behind the
shock. Additionally, pasta phases will have a
significant impact upon crust cooling timescale
for neutron stars [37, 38].
Therefore, in the interest of providing a
deeper physical underpinning of the current
EoS we include the transition among the pasta
phases. A great deal of effort [39] has gone
into describing this interesting regime, however,
in the spirit of the current phenomenological
Skyrme-force approach of the current work, we
can follow the Wigner-Seitz cell derivation of
[1, 36] updated to self-consistently transition
the current Skyrme parameters of the EoS em-
ployed here. This approach was based upon an
adoption of the Skyrme interaction, but is ap-
plicable to a broad class of density functionals
such as the ones of interest here, and hence is
a natural means to extend the model developed
here.
Within the Wigner-Seitz cell one begins as
above by dividing the nuclear free energy into
contributions from the formation of very large
bulk heavy nuclei that occupy a fraction of the
volume in addition to an exterior fluid com-
posed of neutrons, protons, and alpha particles.
Heavy nuclei (Eq. (14)) are characterized by a
bulk energy plus surface and coulomb energies.
Hence, for the free energy in Eq. (10), we re-
place the volume factor W = (1− ρ/ρN )2 with
W = (1− u/XA)2 , (27)
where
u =
VA
Vc
= XA
ρ
ρN
. (28)
Here, VA is the volume of heavy nuclei and Vc
is the cell volume. The nuclear volume is ex-
pressed VA = (4/3)pir
3
A with rA the effective
nuclear radius corrected for various shapes as
described below.
In this case, the surface and Coulomb terms
in the free energy of the heavy nucleus F〈A〉 are
described with modified terms due to the ex-
otic shapes. For the formation of nuclear pasta
phases in bulk nuclear matter in the Wigner-
Seitz cell approximation one can express [1] the
sum of FS+FC during the passage through this
transition as a simple analytic function of the
volume parameter u, charge to mass ratio YA
for the average nucleus, and the temperature T
as:
FS + FC = β[c(u)s(u)
2]1/3/nB = βD(u)/nB ,
(29)
where D(u) was deduced in Ref. [1], based upon
a fit to the Thomas-Fermi Skyrme-force calcu-
lations of Ref. [36]:
8D(u) = u (u− 1)
(
(1− u)D (u)1/3 + uD (1− u)1/3
)
u2 + (1− u)2 + αu2(1− u)2 (30)
where, D(u) ≡ 1 − (3/2)u1/3 + (1/2)u is a
Coulomb correction for spherical bubbles in the
Wigner-Seitz approximation, and α = 0.6 is a
parameter adjusted to optimize the fit to the
Thomas-Fermi calculations of [36].
The normalization factor β then contains the
dependence of the Coulomb correction upon the
charge-to-mass ratio YA and temperature T.
This can also be written analytically
β = 9
[
piσ(YA, T )
2e2Y 2An
2
15
]1/3
. (31)
Here, n is the nuclear number density, while
σ(YA, T ) is the temperature dependent surface
energy per unit area [1]. For a broad range of
density functionals can be written [1]:
σ(YA, T ) = σ(0.5, 0)h(T )
× 16 + q
Y −3A + q + (1− YA)−3
, (32)
where σ(0.5, 0) ≈ 1.15 MeV fm−2 is the sur-
face tension of cold symmetric nuclear matter
deduced [1] from fits to individual nuclei. The
temperature dependence of the surface tension
is taken to diminish quartically up to a critical
temperature according to:
h(T ) =
{
[1− (T/Tc(YA))2]2 T ≤ Tc(YA)
0 T > Tc(YA),
(33)
where Tc is the critical temperature above which
nuclear pasta phases do not exist and is re-
lated the frequency of the giant monopole reso-
nance [1]. Here, we express this in terms of the
nuclear compressibility parameter K described
in Section II E and density n,
Tc(YA) = 2.4344K
1/2n
−1/3
B YA(1− YA) MeV.
(34)
The dimensionless quantity q in Eq. (32) re-
lates to surface symmetry energy S0,
q = 384pir20σ(0.5, 0)/S0 − 16 , (35)
with r0 = (3/4pin0)
1/3 is the nuclear radius pa-
rameter here written in terms of the nuclear sat-
uration density n0.
This specifies the transition to pasta nuclei
in terms of W, YA, and T . What remains is to
specify the dependent variables W and YA in
terms of the EoS variables ρ and Ye. This is ob-
tained from the conditions of mass and charge
balance in the solution of the chemical poten-
tials as described in the next subsection.
The quantities np = YpnB , nn = YnnB , and
nα = YαnB are the fractions of unbound pro-
tons, neutrons, and α particles, respectively.
These quantities are determined from the min-
imization of the free energy as described be-
low. This then provides a treatment of pasta
phases consistent with the Skyrme parametriza-
tion above the saturation density which we de-
scribe in Section II E.
D. Chemical Potentials
Having specified the free energies above, the
chemical potentials are found from the min-
imization of the Helmholtz free energy per
9baryon (F ),
µn =
(
∂F
∂XB
− Yp
XB
∂F
∂Yp
)
, (36)
µp =
(
∂F
∂XB
+
Yn
XB
∂F
∂Yp
)
, (37)
µα = 4
(
∂F
∂Xα
)
, (38)
µnA =
(
∂F
∂XA
− YA
XA
∂F
∂YA
)
, (39)
µpA =
(
∂F
∂XA
+
(1− YA)
XA
∂F
∂YA
)
, (40)
where µp, µn and µα are the chemical potentials
of free protons, neutrons, and alpha particles.
The quantities µnA and µpA are the chemical
potentials of neutrons and protons within heavy
nuclei. These quantities are related by the Saha
equation:
2µn + 2µp = µα (41)
2µnA + 2µpA = µα (42)
µnA − µpA = µn − µp = µˆ. (43)
This set of conditions is sufficient to specify
the relative mass fractions of the constituent
species. In the current implementation, the
three chemical potential constraints [Eqs. (41)-
(43)] combined with charge and baryon num-
ber conservation [Eqs. (8)and (9)] are solved self
consistently to determine the matter composi-
tion. This leads to a 20% increase in the mass
fraction of heavy nuclei when compared to the
original approximation scheme of Ref. [29].
E. Baryonic Matter Above Saturation
Density
Above nuclear matter density, the baryons
are treated as a continuous fluid. In this regime,
the free energy per nucleon is given in the form
F = Fbulk(nB , Yp)+Ftherm(nB , T )+8.79 MeV,
(44)
where the addition of 8.79 MeV sets the zero for
the free energy to be the ground state of 56Fe
as discussed above.
Above the saturation density we include both
2-body (v
(2)
ij ) and 3-body (v
(3)
ijk) interactions in
the many-nucleon system. The Hamiltonian of
this system is thus given by
Hˆ =
∑
i
tˆi +
∑
i<j
v
(2)
ij +
∑
i<j<k
v
(3)
ijk , (45)
where tˆi is the one body contribution while vij
and vijk are the 2- and 3-body interactions, re-
spectively. In the density functional approach
one can parametrize these interactions to de-
scribe the ground-state properties of finite nu-
clei and nuclear matter [40–42]. The micro-
scopic interactions, such as meson exchange, are
embedded in the parameters of the density de-
pendent forces.
Among the most widely used interactions are
those of the Skyrme type forces. In this ap-
proach, the two-body potential is given in the
form introduced by Vautherin and Brink [43].
That is, for most of the Skyrme potentials
considered here the high density behavior can
be dominated by a 3-body repulsive interaction.
This term is taken to be a zero range force of
the form v123 = t3δ (r1 − r2) δ (r2 − r3). If the
assumption is made that the medium is spin-
saturated, which is valid for neutron star mat-
ter and nuclei [44], the three-body term is then
equivalent to a density dependent two-body in-
teraction [43] given by
v
(3)′
12 =
1
6
t3
(
1 + x3Pˆs
)
δ (r1 − r2)nσB
(
r1 + r2
2
)
.
(46)
This modified Skyrme potential can then be
written as in [45]. This modification has been
introduced [40] to enhance the incompressibility
of nuclear matter at high densities. A value of σ
= 1/3 is a common choice [46, 47], although this
parameter varies in the range of σ ∼ 0.14− 1.0
as seen in Table I.
The main advantage of the Skyrme density
functional is that the variables that character-
ize nuclear matter can be expressed as analytic
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functions. We use TF to denote the kinetic en-
ergy of a particle at the Fermi surface
TF =
~2
2m
(
3pi2
2
)2/3
n
2/3
B . (47)
Then, calculating the expectation value of the
Hamiltonian [Eq. (45)] in a Slater determinant,
the energy per nucleon for symmetric nuclear
matter can be derived [32, 43],
E
A
=
3
5
TFH5/3 +
t0
8
nB [2(x0 + 2)− (2x0 + 1)H2] + 1
48
3∑
i=1
t3in
σi+1
B [2(x3i + 2)− (2x3i + 1)H2]
+
3
40
(
3pi2
2
)2/3
n
5/3
B
(
aH5/3 + bH8/3
)
+
3
40
(
3pi2
2
)2/3
n
5/3+δ
B
[
t4(x4 + 2)H5/3 − t4(x4 + 1
2
)H8/3
]
+
3
40
(
3pi2
2
)2/3
n
5/3+γ
B
[
t5(x5 + 2)H5/3 + t5(x5 +
1
2
)H8/3
]
,
(48)
where
a = t1(x1 + 2) + t2(x2 + 2), (49)
b =
1
2
[t2(2x2 + 1)− t1(2x1 + 1)], (50)
Hm(Yp) = 2
m−1[Y mp + (1− Yp)m]. (51)
Notice that for symmetric matter Hm(YP =
1/2) = 1 for all m. We have included here
more non-standard terms, such as those involv-
ing t4, x4, t5 and x5, which do appear in some
parameterizations [32].
All quantities and coefficients for symmetric
nuclear matter can be obtained from Eq. (48).
The pressure, is deduced from P = n2B
∂
∂nB
(
E
A
)
and is given in Eq. (52). Eq. (53) gives the vol-
ume compressibility of symmetric nuclear mat-
ter. This is calculated from the derivative of
the pressure with respect to number density:
K = 9
(
∂P
∂nB
)
= 18 PnB + 9n
2
B
∂2
∂n2B
(
E
A
)
. Finally,
the skewness coefficient, Q = 27n3B
∂3
∂n3B
(
E
A
)
, is
deduced from the third derivative of the free
energy per nucleon [32] and is given in Eq. (54).
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P =
2
5
TFnBH5/3 +
t0
8
n2B [2(x0 + 2)− (2x0 + 1)H2] +
1
48
3∑
i=1
t3i(σi + 1)n
σi+2
B [2(x3i + 2)− (2x3i + 1)H2]
+
1
8
(
3pi2
2
)2/3
n
8/3
B
(
aH5/3 + bH8/3
)
+
1
40
(
3pi2
2
)2/3
(5 + 3δ)n
8/3+δ
B
[
t4(x4 + 2)H5/3 − t4(x4 + 1
2
)H8/3
]
+
1
40
(
3pi2
2
)2/3
(5 + 3γ)n
8/3+γ
B
[
t5(x5 + 1)H5/3 + t5(x5 +
1
2
)H8/3
]
(52)
K = 6TFH5/3 +
9t0
4
nB [2(x0 + 2)− (2x0 + 1)H2]
+
3
16
3∑
i=1
t3i(σi + 1)(σi + 2)n
σi+1
B [2(x3i + 2)− (2x3i + 1)H2] + 3
(
3pi2
2
)2/3
n
5/3
B
(
aH5/3 + bH8/3
)
+
3
40
(
3pi2
2
)2/3
(5 + 3δ)(8 + 3δ)n
5/3+δ
B
[
t4(x4 + 2)H5/3 − t4(x4 + 1
2
)H8/3
]
+
3
40
(
3pi2
2
)2/3
(5 + 3γ)(8 + 3γ)n
5/3+γ
B
[
t5(x5 + 2)H5/3 + t5(x5 +
1
2
)H8/3
]
(53)
Q =
24
5
TFH5/3 +
9
16
3∑
i=1
t3iσi(σi + 1)(σi − 1)nσi+1B [2(x3i + 2)− (2x3i + 1)H2]
− 3
4
(
3pi2
2
)2/3
n
5/3
B
(
aH5/3 + bH8/3
)
+
3
40
(
3pi2
2
)2/3
(2 + 3δ)(5 + 3δ)(3δ − 1)n5/3+δB
[
t4(x4 + 2)H5/3 − t4(x4 − 1
2
)H8/3
]
+
3
40
(
3pi2
2
)2/3
(2 + 3γ)(5 + 3γ)(3γ − 1)n5/3+γB
[
t5(x5 + 2)H5/3 + t5(x5 +
1
2
)H8/3
]
(54)
Equations (48) and (52)-(54) completely de-
scribe the properties of symmetric nuclear mat-
ter. Values for the coefficients can be con-
strained by fixing the density of nuclear sat-
uration, as well as imposing the observational
constraint that the maximum mass of a neutron
star must exceed 2.01± 0.04 M [26, 27].
Table I summarizes the Skyrme parameter-
izations considered in this work. These ver-
sions were identified in Dutra et al [32] as the
EoSs that satisfy all available constraints from
properties of nuclear matter and nuclei (e.g.
see review in Ref. [48]). The EoS’s that sat-
isfy the neutron star maximum mass constraint
M≥ 2.01± 0.04 [27] are also identified. In what
follows we will run core collapse simulations
with the EoS’s compatible with those EoS’s that
are compatible with the maximum neutron star
mass constraint.
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TABLE I: Skyrme parameterizations considered in this work, taken from Ref. [32]. All models
considered here have t4, x4, t5, and x5 equal to zero.
Model t0 t1 t2 t31 t32 t33 x0 x1 x2 x31 x32 x33 σ1 σ2 σ3
GSkIa -1855.5 397.2 264.6 13858.0 -2694.1 -319.9 0.12 -1.76 -1.81 0.31 -1.19 -0.46 0.33 0.67 1.00
GSkII -1856.0 393.1 266.1 13842.9 -2689.7 – 0.09 -0.72 -1.84 -0.10 -0.35 – 0.33 0.67 –
KDE0v1a -2553.1 411.7 -419.9 14603.6 – – 0.65 -0.35 -0.93 0.95 – – 0.17 – –
LNS -2485.0 266.7 -337.1 14588.2 – – 0.06 0.66 -0.95 -0.03 – – 0.17 – –
MSL0a -2118.1 395.2 -64.0 12875.7 – – -0.07 -0.33 1.36 -0.23 – – 0.24 – –
NRAPRa -2719.7 417.6 -66.7 15042.0 – – 0.16 -0.05 0.03 0.14 – – 0.14 – –
Ska25s20a -2180.5 281.5 -160.4 14577.8 – – 0.14 -0.8 – 0.06 – – 0.25 – –
Ska35s20a -1768.8 263.9 -158.3 12904.8 – – 0.13 -0.80 0.00 0.01 – – 0.35 – –
SKRA -2895.4 405.5 -891. 16660.0 – – 0.08 – 0.20 – – – 0.14 – –
SkT1a -1794.0 298.0 -298.0 12812.0 – – 0.15 -0.50 -0.50 0.09 – – 0.33 – –
SkT2a -1791.6 300.0 -300.0 12792.0 – – 0.15 -0.50 -0.50 0.09 – – 0.33 – –
SkT3a -1791.8 298.5 -99.5 12794.0 – – 0.14 -1.00 1.00 0.08 – – 0.33 – –
Skxs20 -2885.2 302.7 -323.4 18237.5 – – 0.14 -0.26 -0.61 0.05 – – 0.17 – –
SQMC650 -2462.7 436.1 -151.9 14154.5 – – 0.13 – – – – – 0.17 – –
SQMC700 -2439.1 371.0 -96.7 13773.6 – – 0.10 – – – – – 0.16 – –
SV-sym32 -1883.3 319.2 197.3 12559.5 – – 0.01 -0.59 -2.17 -0.31 – – 0.30 – –
a Maximum neutron star mass > 2 M [27]
F. Thermal Correction
For energetic environments such as core col-
lapse supernovae or heavy ion collisions it is nec-
essary to consider nuclear matter at finite tem-
perature. This is addressed via a thermal cor-
rection. For the thermal contribution to the free
energy per particle in bulk nuclear matter we
follow the approach described in Refs. [20, 49].
We assume a degenerate gas of the mesonic
and baryonic states [33], as a function of tem-
perature T and baryon density n. Since the
zero-temperature contribution to the free en-
ergy is already properly taken into account by
the Skyrme contribution, only the thermal por-
tion needs to be added. We also assume that
the baryonic states are in chemical equilibrium.
The expression for the thermal contribution is
written:
Fthermal(nB , T ) = α−α0 + 1
nB
(ω − ω0) , (55)
where α and ω are a finite temperature “chem-
ical potential” and grand potential density, re-
spectively. The quantities, α0 and ω0 are the
zero-temperature limits of the “chemical poten-
tial” and grand potential density and nB is the
local baryon number density.
α0 is constrained from the number density of
baryons and is determined by the relation
nB =
∑
i
gi
2pi2
(
α20 − m˜2i
)3/2
, (56)
while the zero-temperature limit of the grand
potential density is [20]
ω0 = −
∑
i
gi
2pi2
[
α0
√
α20 − m˜2i
(
α20 −
5
2
m˜2i
)
+
3
2
m˜4i ln
(
α0 +
√
α20 − m˜2i
m˜i
)]
. (57)
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In Eqs (56) and (57) m˜i is an effective particle
mass deduced from fits to results from relativis-
tic Bruckner Hartree-Fock theory [50]
m˜i =
mi
1 + ξη
, (58)
where ξ = 0.027 and the sum over i includes
both nucleons and delta particles.
The finite temperature α is then found by en-
forcing baryon number conservation and assum-
ing an ideal Fermi gas,
nB =
∑
i
gi
2pi2
∫ ∞
0
(h(pi, αi)− h(pi,−αi)) p2dp,
(59)
where, h(pi, αi) is the usual Fermi distribution
function
h(pi, αi) =
1
exp[(i − αi)/T ] + 1 , (60)
and gi is the spin-isospin degeneracy factor.
The finite temperature grand potential den-
sity is given as
ωbaryon = −
∑
i
giT
2pi2
∫ ∞
0
p2dp (ln (1 + exp [−(− α)/T ]) + ln (1 + exp [−(+ α)/T ])) (61)
ωmeson = 2
∑
i
giT
2pi2
∫ ∞
2pi~n1/3
p2dp ln (1− exp (−/T )) (62)
where the index i runs over baryonic and
mesonic resonances and the effective energy i
is given by
i =
√
p2 + m˜2i . (63)
It should be noted that α and α0 are only
used to construct Fthermal and do not corre-
spond to a real chemical potential, since they
assume an ideal gas behavior. The actual chem-
ical potentials are found from derivatives of the
total free energy [Eq. 44] with respect to den-
sity as in Eqs. (36)-(40). For nuclear matter
they simplify to:
µn = F + nB
(
∂F
∂nB
)
T,Yp
− Yp
(
∂F
∂Yp
)
T,nB
(64)
µp = F + nB
(
∂F
∂nB
)
T,Yp
+ Yn
(
∂F
∂Yp
)
T,nB
(65)
where Yn + Yp = 1.
G. Thermodynamic State Variables
Once the thermal contribution to the free en-
ergy is constructed, the thermodynamic quan-
tities can be calculated. Of particular interest
are the total internal energy (E), the total pres-
sure (P ), the entropy per baryon (S) and the
adiabatic index Γ. The total internal energy is
calculated from the free energy:
E = F − T
(
∂F
∂T
)
nB ,Ye
+ Ee + Eγ , (66)
where Ee is the electron energy determined by
numerically integrating over Fermi-Dirac dis-
tributions and Eγ is the photon energy con-
tribution determined from the usual Stefan-
Boltzmann law.
The pressure is calculated from
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P = n2B (∂F/∂nB). It is important to note that
the thermal contribution to the pressure is not
the simple form of ω0 − ω as one would expect
from the usual application of the thermody-
namic potential, but is given by a slightly more
complicated form
Ptherm = ω0 − ω + nB ∂
∂nB
[ω − ω0] . (67)
This is due to the fact that the effective mass
[cf. Eq. (58)] is density dependent. If this de-
pendence were removed we would recover the
usual form of the pressure from the thermody-
namic potential.
We thus determine the total pressure from
the free energy
P = n2B
(
∂Fbulk
∂nB
)
+ Ptherm + Pe + Pγ , (68)
where again the electron and photon contri-
butions are determined from the energies dis-
cussed previously. The entropy per baryon
in units of Boltzmann’s constant is given by
a simple derivative S = − (∂F/∂T ), and the
adiabatic index is given by the usual form
Γ = [∂ lnP/∂ ln (ρ)]. We note, however, that
the neutrino pressure and energy contributions
must be independently solved and accounted for
in a simulation.
The density dependence of the symmetry
energy beyond saturation is highly uncertain.
Fig. 1 shows the symmetry energy versus den-
sity for various parameter sets found in Ta-
ble I and Ref. [32]. Note that, for these mod-
els, the non-standard terms t4, t5, x4, and x5
are all zero. The symmetry energy at satura-
tion is known [32, 51] to lie within the range
S0 = 30− 35 MeV [52]. For all parameter sets
considered here, this constraint is met. How-
ever, for many Skyrme models the symmetry
energy either saturates at high densities, or in
the worst case becomes negative. This results
in a negative pressure deep inside the neutron
star core. For this work, we will only consider
parameter sets with a fairly stiff symmetry en-
ergy.
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FIG. 1: Symmetry energy versus density for
various Skyrme parameter sets listed in
Table I. Existing constraints at nuclear
saturation density (n0 = 0.16± 0.01fm−3) [52]
are indicated by the gray shaded region
(S0 = 30− 35 MeV) and constraints below
saturation density [53] are indicated by the
blue shaded region. The behavior of the
symmetry energy above saturation density is
unconstrained. Many parameterizations
become negative at supranuclear densities,
which leads to erroneous behavior in neutron
stars. (Color available online.)
III. PIONS IN THE NUCLEAR
ENVIRONMENT
Pions are a crucial ingredient in simulations
of core collapse supernovae. The interior tem-
peratures can reach to a significant fraction
(∼ 50 MeV) of the pion rest mass so that some
thermally produced pions exist in the tail of the
Boltzmann distrobution. The existence of these
thermally produced pions has the effect of soft-
ening the EoS. This increases the central densi-
ties neutrino luminosities and thereby enhances
the explosion.
The contribution to the hadronic EoS from
the lightest mesons (i.e. the pions) has been
constrained [54] from a comparison between rel-
ativistic heavy-ion collisions and one-fluid nu-
clear collisions. In that work the formation and
evolution of the pions was computed in the con-
text of Landau-Migdal theory [50] to determine
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the pion effective energy and momentum. In
this approach the pion energy is given by a dis-
persion relation [50]
2pi = p
2
pi + m˜
2
pi , (69)
where m˜pi is the pion “effective mass” defined
to be
m˜pi = mpi
√
1 + Π (pi, ppi, nB) . (70)
Following [49] and [55] the polarization pa-
rameter Π can be written,
Π (pi, ppi, nB) =
p2piΛ
2 (ppi)χ (pi, ppi, nB)
m2pi − g′m2piΛ2 (ppi)χ (pi, ppi, nB)
.
(71)
where the denominator is the Ericson-Ericson-
Lorentz-Lorenz correction [56]. The quantity
Λ ≡ exp(−p2pi/b2) with b = 7mpi, is a cutoff that
ensures that the dispersion relation [Eq. (69)]
asymptotically approaches the high momentum
limit,
∞ ≡  (ppi →∞, nB) =
√
m2∆ + p
2
pi −mN .
(72)
Following [56] we take the polarizability to be
χ (pi, ppi, nB) = −4a∞nB
2∞ − 2pi
, (73)
where a = 1.13/m2pi. This form for the polar-
izability ensures that the effective pion mass is
always less than or equal to the vacuum rest
mass mpi.
A key quantity in the above expressions is
the Landau parameter g′. This is an effective
nucleon-nucleon coupling strength. To ensure
consistency with observed Gamow-Teller tran-
sition energies a constant value of g′ = 0.6 was
deduced in [55]. However, in [54], Monte-Carlo
techniques were used to statistically average a
momentum dependent g′ with particle distribu-
tion functions. It was found that g′ varies lin-
early with density and is approximately given
by
g′ = g1 + g2η , (74)
where η ≡ nB/n0. A value of g1 = 0.5 was
chosen to be consistent with known Gamow-
Teller transitions. A value for g2 was then
obtained [54] by optimizing fits to a range of
pion multiplicity measurements obtained at the
Bevlac [57]. These data were best fit for a value
of g2 = 0.06.
The pions are assumed to be in chemical equi-
librium with the surrounding nuclear matter.
We consider the pion-nucleon reactions:
p↔ n+ pi+ , n↔ p+ pi− . (75)
This leads to the following relations among the
chemical potentials for neutrons, protons, and
pions
µp = µn + µpi+ , µn = µp + µpi− . (76)
These equilibrium conditions let us express the
pion chemical potentials in terms of the neutron
and proton chemical potentials: µˆ ≡ µn − µp =
µpi− = −µpi+ . Using the definitions of µn and
µp from Eqs. (64) - (65), the expressions for the
pion chemical potentials are found to be
µpi− = −µpi+ = − 1nB
∂F
∂Yp
. (77)
For a given temperature (T ) and number den-
sity (nB) the pion number densities are given by
the standard Bose-Einstein integrals
ni =
∫ ∞
0
p2
2pi2
dp
e(pi−µi)/T − 1 , (78)
where i is for {pi+, pi−, pi0}, and pi is given by
Eq. (69). Note that the pi0 chemical potential
is taken to be zero, since these particles can be
created or destroyed without charge constraint.
The charge fraction per baryon for the
charged pions is defined as Ypi− = npi−/nB .
From Eq. (77) we can calculate the pion num-
ber densities from the pion chemical potentials.
Then, electric charge conservation gives,
Ye = Yp − Ypi− + Ypi+ . (79)
Thus, we can solve Eq. (79) for the unknown
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quantity Yp.
Once Yp is determined, the pionic energy den-
sities and partial pressures can be calculated
from
Ei =
∫ ∞
0
p2dp
2pi2
pi
exp [(pi − µi) /T ]− 1 , (80)
and
Pi =
∫ ∞
0
p2dp
2pi2
(1/3)p(∂pi/∂p)
exp [(pi − µi) /T ]− 1 . (81)
In the high temperature, low density limit the
pionic mass approaches the bare pion mass and
other pionic excitations are become relevant.
Hence, to properly treat other density and tem-
perature regimes, we also include all mesonic
and baryonic states using bare masses as dis-
cussed in Sec. II F.
We note that this treatment of the pions is
preferable to including a condensate, as was
done in Refs. [58] and [59]. In Refs. [58] and [59],
pions were treated as a non-interacting Bose
condensate. In our treatment, pion-nucleon
couplings are accounted for.
IV. QCD PHASE TRANSITION
It is generally expected [60] that for suf-
ficiently high densities and/or temperature,
a transition from hadronic matter to quark-
gluon plasma (QGP) can occur. Recent
progress [61] in lattice gauge theory (LGT)
has shed light on the transition to a QGP
in the low baryon-chemical-potential, high-
temperature limit. It is now believed that at
high temperature and low density a deconfine-
ment and chiral symmetry restoration occur si-
multaneously at the crossover boundary. In par-
ticular, at low density and high temperature,
it has been found [61] that the order param-
eters for deconfinement and chiral symmetry
restoration changes abruptly for temperatures
of T = 145− 170 MeV [62, 63]. However, nei-
ther order parameter exhibits the characteristic
change expected from a first order phase tran-
sition. An analysis of many [64, 65] thermo-
dynamic observables confirms that the transi-
tion from a hadron phase to a high temperature
QGP is a smooth crossover.
However, at low density the hadron phase can
be approximated as a pion-nucleon gas, while
the QGP phase can be approximated as a non-
interacting relativistic gas of quarks and glu-
ons [66]. Equating the pressures in the hadronic
and QGP phases, the critical temperature Tc
for the low density transition can be approxi-
mated [66] as:
Tc ≈ (gq − gh)−1/4
(
90
pi2
)1/4
B1/4 , (82)
where the statistical weight gq for a low-density
high-temperature QGP gas with three relativis-
tic quarks is gq ≈ 51.25, while gh ≈ 17.25 was
found for the hadronic phase by summing over
all known meson data.
Adopting the lattice gauge theory results [61]
that 145 <∼ Tc <∼ 170 MeV, then implies [66]
that a reasonable range for the QCD vacuum
energy is 165 <∼ B1/4 <∼ 240 MeV. This pro-
vides an initial range for the QCD vacuum en-
ergy to be adopted in this work. In Section V C,
we will further constrain this parameter by re-
quiring that the maximum mass of a neutron
star exceed 2 M [26, 27].
Another parameter that impacts the thermo-
dynamic properties of the system is the strong
coupling constant αs. For this manuscript we
adopt a value of αs = 0.33 as this is a rep-
resentative value for the energy regime under
consideration [33].
A transition to a QGP phase during the
collapse can have a significant impact on the
dynamics and evolution of the nascent proto-
neutron star. In Ref. [67] it was shown that a
first order phase transition to a deconfined QGP
phase resulted in the formation of two distinct
but quickly coalescing shock waves. More re-
cently, it has been shown [68] that if the transi-
tion is first order, and global conservation laws
are imposed, then the two shock waves can be
time separated by as much as ∼ 150 ms. Neu-
trino light curves showing such temporally sepa-
rated spikes might even be resolvable in modern
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terrestrial neutrino detectors [68]. Moreover,
the arrival of the second shock can significantly
enhance the explosion.
The observation of M > 2M neutron stars
[26, 27], however, highly restricts the possibility
of a first order phase transition to a quark gluon
plasma taking place inside the interiors of stable
cold neutron stars. Nevertheless, a transition
to quark-gluon plasma would always occur for
initial stellar masses >∼ 20 M that result in
failed supernova events, because every phase of
matter must be traversed during the formation
of stellar mass black holes. Even if neutron stars
do not have pure- or mixed- quark-gluon plasma
interiors, this transition to QGP may have an
impact [69] on the neutrino signals during black
hole formation in addition to its possible impact
on core-collapse supernovae.
A. The Quark Model
For the description of quark-gluon plasma
we use a bag model with 2-loop corrections
[60], and construct the EoS from a phase-space
integral representation over scattering ampli-
tudes. We allow for the possibility of a coex-
istence mixed phase in a first order transition,
or a simple direct crossover transition. In the
hadronic phase the thermodynamic state vari-
ables, are calculated from the Helmholtz free
energy F (T, V, nB) as described in the previous
sections. However, it is convenient to compute
the QGP phase in terms of the grand poten-
tial, Ω(T, V, µ). Both descriptions are equiva-
lent and are related by a Legendre transform:
Ω = F −∑i µiNi. Adopting the convention of
Landau and Lifshitz [70], the thermodynamic
potential can be written in terms of the parti-
tion function Z as
Ω = − 1
β
lnZ , (83)
where β = 1/T . In the Feynman path inte-
gral formulation the partition function is rep-
resented as a functional integral of the expo-
nential of an effective action integrated over all
fields [71].
Once the grand potential is specified, the
state variables can be easily deduced, e.g.
P = −
(
∂Ω
∂V
)
T,µ
, (84)
n = − 1
V
(
∂Ω
∂µ
)
V,T
. (85)
The grand potential for the quark-gluon
plasma summed over each flavor i takes the
form:
Ω =
∑
i
(Ωiq0 + Ω
i
q2) + Ωg0 + Ωg2 +BV (86)
where q0 and g0 denote the 0
th-order bag model
grand potentials for quarks and gluons, re-
spectively, while q2 and g2 denote the 2-loop
corrections. The fifth term BV is the usual
QCD vacuum energy. In most calculations,
sufficient accuracy is obtained by using fixed
current algebra masses (e.g. mu ∼ md ∼ 0,
ms ∼ 95± 5 MeV). For this work we choose a
bag constant B1/4 = 165 − 240 MeV as noted
above.
The quark contributions to the grand poten-
tial are given [60] from phase-space integrals
over Feynman amplitudes [71]:
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Ωiq0 =− 2NcTV
∫ ∞
0
d3p
(2pi)3
[
ln
(
1 + e−β(Ei−µi)
)
+ ln
(
1 + e−β(Ei+µi)
)]
(87)
Ωiq2 =αspiNgV
[
1
3
T 2
∫ ∞
0
d3p
(2pi)3
Ni(p)
Ei(p)
+
∫ ∞
0
d3p
(2pi)3
d3p′
(2pi)3
1
Ei(p)Ei(p′)
[Ni(p)Ni(p
′) + 2]
×
[
N+i (p)N
+
i (p
′) +N−i (p)N
−
i (p
′)
(Ei(p)− Ei(p′))2 − (p− p′)2
+
N+i (p)N
−
i (p
′) +N−i (p)N
+
i (p
′)
(Ei(p) + Ei(p′))
2 − (p− p′)2
]]
, (88)
where Nc is the number of colors, and Ng is the
number of gluons (Ng = 8). The N
±
i denote
the quark Fermi-Dirac distributions:
N±i (p) =
1
eβ(Ei(p)∓µi) + 1
. (89)
The one- and two-loop gluon and ghost con-
tributions to the thermodynamic potentials can
be evaluated in a similar fashion to that of the
quarks.
Ωg0 =2NgTV
∫ ∞
0
d3p
(2pi)3
ln
(
1− e−β|p|
)
=− pi
2
45
NgT
4 . (90)
Ωg2 =
pi
36
αsNcNgT
4. (91)
For massless quarks, Eqs. (87-88) are easily
evaluated [60] to give
Ωiq0 =−
NcV
6
(
7pi2
30
T 4 + µ2iT
2 +
µ4i
2pi2
)
(92)
Ωiq2 =
NgαsV
8pi
(
5pi2
18
T 4 + µ2iT
2 +
µ4i
2pi2
)
. (93)
For the massive strange quark Eq. (87) can be
easily integrated. However, Eq. (88) cannot be
integrated numerically, due to the divergences
inherent in the integral. We therefore, approx-
imate [60] the two-loop strange quark contri-
bution with the zero mass limit. This may
over estimate the contribution due to a finite
strong coupling constant. However, sincethe
quark mass is relatively small compared to its
chemical potential, this is a reasonable approx-
imation.
B. Conservation Constraints in the Mixed
Phase
The matter deep inside the core of a collaps-
ing star consists of a multi-component system
constrained by the conditions of both charge
and baryon number conservation. All thermo-
dynamic quantities in a first order quark-hadron
phase transition vary in proportion to the vol-
ume fraction [χ ≡ V Q/(V Q + V H)] throughout
the mixed phase regime, where V Q is the
volume of material composed of quark-gluon
plasma and V H is the volume composed of
hadronic matter.
For the description of a first order phase tran-
sition we utilize a Gibbs construction. In this
case the two phases are in equilibrium when the
chemical potentials, temperatures, and pres-
sures are equal. For the description of the phase
transition from hadrons to quarks, this con-
struction can be written
µp = 2µu + µd (94)
µn = 2µd + µu (95)
µd = µs (96)
TH = TQ (97)
PH
(
T, Ye, {µHi }
)
= PQ
(
T, Ye, {µQi }
)
,(98)
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where {µHi } ≡ {µn, µp, µpi, µe, µν} and {µQi } ≡
{µu, µd, µs, µe, µν}.
The Gibbs construction ensures that a uni-
form background of photons and leptons exists
within the differing phases. Therefore, the con-
tribution from the photon, neutrino, electron,
and other lepton pressures cancel out in phase
equilibrium. Also, with this choicethe two con-
served quantities, charge and baryon number,
vary linearly in proportion to the degree of com-
pletion of the phase transition (or volume frac-
tion χ), i.e.,
nBYe = (1− χ)nHBY Hc + χnQBY Qc (99)
nB = (1− χ)nHB + χnQB , (100)
where we have defined Y Hc = Yp + Ypi+ − Ypi−
and nQBY
Q
c = 1/3 (2nu − nd − ns). The inter-
nal energy and entropy densities likewise vary
in proportion to the degree of phase transition
completion,
 = (1− χ) H + χQ (101)
s = (1− χ) sH + χsQ. (102)
V. RESULTS AND COMPARISONS
In this section we compare properties of the
new NDL EoS with the two most commonly em-
ployed equations of state used in astrophysical
collapse simulations as well as the original EoS
of Bowers and Wilson.
Fig. 2 shows the total internal energy as a
function of local proper baryon density. We
compare the Lattimer and Swesty EoS [1] with
K0 = 220 MeV, the Shen EoS [2, 3], and the
NDL EoS with several choices of Skyrme pa-
rameterization as labeled from Ref. [32]. These
plots correspond to a fixed electron fraction and
temperature of Ye = 0.3 and T = 10 MeV. A
steep rise in the energy per baryon at high den-
sities occurs for larger values of the compress-
ibility as expected.
Similarly, Fig. 3 depicts the pressure vs.
density for the Shen EoS [4], the Lat-
timer and Swesty EoS [1], and several Skyrme
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FIG. 2: The energy per particle as a function
of density comparing the Lattimer and Swesty
EoS (with compressibility of K0 = 220 MeV),
the Shen EoS, and the NDL EoS with several
Skyrme parametrizations from Table I. (Color
available online)
parameterizations of the NDL EoS. The Shen
EoS consistently leads to higher pressure. This
results from the use of the TM1 parameter set
[2, 3] that contains relatively high values for
both the symmetry energy at saturation and
the nuclear compressibility, typical of RMF ap-
proaches.
A. Pion Effects on the EoS
The solution to the pion dispersion relation,
Eq. (69), does not lead to conditions within the
proto-neutron star necessary to generate a pion
condensate. The pions considered here are ther-
mal pionic excitations calculated from the pion
propagator in Eq. (71). In very hot and dense
nuclear matter the number density of pionic ex-
citations is greatly enhanced by the piN∆ cou-
pling [55]. Hence, it becomes energetically fa-
vorable to form pions in the nuclear fluid when
the chemical potential balance shifts from elec-
trons to negative pions. This allows the charge
states to equilibrate with these newly formed
pions. Since the pions are assumed to be in
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FIG. 3: Pressure as a function of density
comparing the Lattimer and Swesty EoS (with
compressibility of K0 = 220 MeV), the Shen
EoS, and the NDL EoS with several Skyrme
parameterizations as labeled from Table I.
(Color available online)
chemical equilibrium with the surrounding nu-
clear fluid, this has a profound effect on the pro-
ton fraction within the medium, particularly for
low electron fractions (see Fig. 4).
The pion charge fraction as a function of
baryon number density is shown in Fig. 5. For
a low fixed Ye, the charge fraction of negative
pions can actually become greater than the elec-
tron fraction, and the negative pions essentially
replace the electrons in equilibrating the charge.
From the solution to the pion chemical poten-
tials [Eq. (77)], one can see that as the density
increases, negative pions are created. This is
due to the chemical potential constraints and
the dispersion relation [Eq. (69)]. At the same
time the number density of positively charged
pions remains negligible due to the fact that
they have a negative chemical potential. The
pion chemical potential [Eq. (77)] increases lin-
early with respect to density but decreases lin-
early with respect to Yp, due to its dependence
on the slope of the free energy with respect
to Yp. Therefore, for high electron fractions
the pion chemical potential will remain small
and charge equilibrium can be maintained solely
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FIG. 4: The proton fraction above nuclear
saturation showing the effects of pions in a hot
dense astrophysical environment with
T = 10 MeV, such as occurs in core collapse
supernovae. For small electron fractions more
pions are created due to the dependence of the
chemical potential on the isospin asymmetry
parameter I.
among the electrons and protons.
It should be noted, however, that as treated
here, pions would not exist in the ground state
configuration of a cold neutron star. As the
temperature approaches zero the pionic effects
diminish, until only the nucleon EoS contributes
to the neutron star structure.
In the hot dense medium of supernovae, how-
ever, these pions tend to soften the hadronic
EoS since they relieve some of the degeneracy
pressure due to the electrons. We have found
that the reduction in pressure is relatively in-
sensitive to the temperature of the medium and
is lowered by a few percent for all representa-
tive temperatures found in the supernova envi-
ronment, as shown in Fig. 6.
This will affect SN core collapse models since
it allows collapse to higher densities and tem-
peratures without violating the requirement
that the maximum neutron star mass exceed
2.01± 0.04 M for cold neutron stars [27].
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FIG. 5: Pion charge fraction versus density at
a temperature T = 10 MeV using the GsKI
Skyrme parameter set. At a density of about
nB ≈ 0.45 fm−3, the pion charge fraction
exceeds the electron fraction of the medium.
B. Hadron-QGP Mixed Phase
The constraint of global charge neutrality ex-
ploits the isospin restoring force experienced
by the confined hadronic matter phase. The
hadronic portion of the mixed phase becomes
more isospin symmetric than the pure hadronic
phase because charge is transferred from the
quark phase to the hadron phase in equilibrium.
Fig. 7 shows the charge fractions of the mixed
phase and hadronic phases for the GsKI Skyrme
parameterization at T = 1 MeV and a bag con-
stant of B1/4 = 190 MeV. From this we see that
the internal mixed phase region of a hot, proto-
neutron star contains a positively charged re-
gion of nuclear matter and a negatively charged
region of quark-gluon plasma until a density
of n0 ∼ 1.3 fm−3. The presence of the isospin
restoring force causes the thermal pionic con-
tribution to the state variables to be negligible.
This is due to the dependence of the pion chem-
ical potential on the isospin asymmetry param-
eter (1− 2Yp). As the hadronic phase becomes
more isospin symmetric, the pion chemical po-
tential remains small compared to its effective
mass.
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FIG. 6: Pressure versus baryon number
density at T = 10 MeV showing a few percent
reduction in the pressure at high densities due
to the presence of pions. This figure was made
with the GsKI parameter set. (Color available
online)
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FIG. 7: Charge fractions of the mixed quark
and hadronic phase. Due to the redistribution
of charge, the hadronic phase becomes isospin
symmetric even exceeding Yp > 0.5. This has
the effect of lowering the symmetry energy and
thus reducing the pressure in the hadronic
phase. This figure was made using the GSkI
Skyrme parameterization at T = 1 MeV and a
bag constant of B1/4 = 190 MeV.
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Since the system contains two conserved
quantities, electric charge and baryon number,
the coexistence region cannot be treated as a
single substance, but must be evolved as a com-
plex multi-component fluid. It is common in
Nature to have global conservation laws and not
necessarily locally conserved quantities. Hence,
within the Gibbs construction the pressure is a
monotonically increasing function of density.
Fig. 8 shows pressure versus density for var-
ious values of Ye and the GsKI Skyrme pa-
rameterization, through the mixed phase region
into a phase of pure QGP. One of the features
shown is that, as the density increases to about
2-3 times the saturation density the slope of
the pressure versus density decreases as one en-
ters the mixed phase. Note that in a simple
crossover there is no mixed phase so that the
onset of the QCD phase causes an immediate
jump toward the asymptotic behavior shown on
Fig. 8.
However, in a simple crossover transition the
EoS at first becomes stiff then asymptotes to
a simple Γ ≈ 4/3 EoS. The reason for this
straightforward to explain. In the low temper-
ature limit for Nf flavors of massless quarks,
Eq. (92) leads to [67] the following approximate
expressions for the chemical potential, baryon
density and pressure
µ = 3
(
3pi2
Nf
)1/3[
1 +
2αs
3pi
]
n1/3 +B (103)
n =
9
4
(
3pi2
Nf
)1/3[
1 +
2αs
3pi
]
n4/3 +B (104)
P =
3
4
(
3pi2
Nf
)1/3[
1 +
2αs
3pi
]
n1/3 −B (105)
The adiabatic index is then
Γ =
n
P
(
∂P
∂n
)
=
4
3
P +B
P
. (106)
From this one can see that immediately after
a crossover transition when the bag pressure is
comparable to the baryonic pressure the adi-
abatic index is stiff ∼ 2. It then asymptotes
toward Γ = 4/3 as the pressure increases.
The effect on the adiabatic index for a mixed
phase is shown in Fig. 9. Here, one can see that
for for a mixed phase the EoS softens abruptly
upon entering the mixed phase due to the fact
that increasing density leads to a larger vol-
ume fraction of QGP rather than an increase in
pressure. If this occurs while forming a proto-
neutron star, its evolution will be affected as Γ
falls below the stability point of Γ < 4/3 and a
second collapse can ensue.
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FIG. 8: Pressure as a function of baryon
number density through the mixed phase
transition for T = 1 MeV and the GSkI
Skyrme parameterization and a bag constant
of B1/4 = 190 MeV. The EoS softens
significantly upon entering the mixed phase at
nB ∼ 0.6 fm−3 due to the larger number of
available degrees of freedom.
Another feature seen in Figs. 8 and 9 is the
Ye dependence of the onset density of the mixed
phase. Fig. 10 shows a phase diagram indicat-
ing the mixed phase transition temperature as
a function of density for three values of Ye. Pi-
ons were included in the making of this figure.
For higher temperatures the onset happens at
lower densities as would be expected. However,
for high electron fractions (Ye ∼ 0.3) such as
those that can be found deep inside the cores of
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FIG. 9: Γ as a function of baryon number
density showing the softening of the EoS as it
enters the mixed phase regime. The EoS
promptly stiffens as it exits the mixed phase
into the pure quark-gluon plasma phase due to
losing the extra degrees of freedom supplied by
the hadrons. The horizontal line indicates
Γ = 4/3. Systems with Γ > 4/3 will be stable.
This figure was made using the GsKI Skyrme
parameterization and a bag constant of
B1/4 = 190 MeV.
a proto-neutron star, the transition density re-
mains quite high nB ∼ 0.7 fm−3. We note that
similar phase diagrams have been made (e.g.
[58, 59, 72, 73]) indicating that the phase di-
agram is quite model dependent.
The supernova simulations of Refs. [67, 68]
show that, as the interior of the PNS reaches
the onset of the mixed phase, the equation of
state softens considerably and a secondary core
collapse ensues. The matter then sharply stiff-
ens upon entering the pure quark phase and
a secondary shock wave can be generated. As
this shock catches up to the initially stalled ac-
cretion shock, a more robust explosion ensues.
However, their simulations assumed a Bag con-
stants of B1/4 ≤ 165 MeV, since they did not
enforce the M > 2M maximum neutron star
mass limit, and thus the mixed phase had a
much lower onset density (nonset ∼ 0.1 fm−3)
than what we have found here.
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FIG. 10: Density-temperature phase diagram
showing the density range of the mixed phase
coexistence region for three values of Ye (solid
line for Ye = 0.1, dashed line for Ye = 0.25 and
dash-dotted line for Ye = 0.4), including pions.
The onset of the mixed phase is indicated by
the set of curves on the left, while the curves
on the right show the completion of the mixed
phase. For low temperatures it is seen that the
onset density is highly Ye dependent.
C. Neutron Stars with QGP Interiors
As stated previously, the observations [26, 27]
of a 1.97± 0.04 M and a 2.01± 0.04 M neu-
tron star have ruled out many soft EoSs includ-
ing many hyperonic models [51]. We explore
here how neutron stars with QGP interiors may
be constrained by this consideration. To do so,
we enforce n+p+e beta equilibrium in hadronic
matter (and u+d+e equilibrium in quark-gluon
plasma).
Fig. 11 compares the neutron star mass ra-
dius relation for the GSKI Skyrme parameter
set of Table I. Using the range of bag constants
determined by Eq. (82), we find that a first or-
der phase transition to a QGP can be consistent
with the high maximum neutron star mass con-
straint [26, 27] the GsKI Skyrme parameteriza-
tion in the NDL EoS. From Fig. 11 we deduce
that a bag constant B1/4 > 190 MeV is required
to satisfy the maximum neutron star mass con-
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straint. This imposes a low baryon density tran-
sition temperature of Tc > 150 MeV, which is in
the low end of the range of crossover tempera-
tures allowed from LGT [61]. Hence, all allowed
values of the Bag constant inferred from LGT
are consistent with the neutron star mass con-
straint in this formulation. For our purpose we
will adopt B1/4 = 190 MeV (corresponding to
Tc ∼ 150 MeV).
D. Neutron Stars without QGP Interiors
Fig. 12 compares the neutron star mass ra-
dius relation for the Skyrme parameter sets in
Table I without a transition to QGP. Note that
not all Skyrme parameter sets accommodate a
maximum neutron star mass ≥ 2.01± 0.04 M
[26, 27]. These we disregard in supernova sim-
ulations.
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FIG. 11: Neutron star mass-radius relation for
various values of the bag constant B1/4 using
the GSkI parameter set. We find that a first
order phase transition is consistent with the
maximum mass neutron star measurement for
our adopted value of B1/4 = 190 MeV.
Horizontal lines show 2.01± 0.04 M
measurement from Ref. [27].
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FIG. 12: Mass-radius relation for the NDL EoS with the Skyrme parameterizations from Table I.
The horizontal lines indicate the 2.01± 0.04 M maximum neutron star mass constraint from
Ref. [27]. The grey shaded region shows the causality constraint and the blue shaded region shows
the 2σ bounds from Ref. [28]. Note that not all of these curves satisfy the maximum mass or
radius constraints. (Color available online)
VI. SUPERNOVA SIMULATIONS
To demonstrate the viability of the NDL
EoS for astrophysical simulations, we have
run a series of core-collapse supernova simu-
lations. We have utilized University of Notre
Dame/Lawrence Livermore National Labora-
tory supernova model [20, 29], a spherically
symmetric general relativistic hydrodynamic
simulation with neutrino transport via multi-
group flux limited diffusion. We present here
the explosion dynamics of simulations run with
the Skyrme models in Table I that satisfy the
mass maximum neutron star > 2 M con-
straint. For this study we do not consider the
transition to QGP. That we leave to a subse-
quent paper.
As an example, Fig. 13 shows the radial evo-
lution versus time post-bounce of mass elements
in a simulation using the NDL EoS with the
GSkI Skyrme parameters. For ease of compar-
ison with other simulations in the lliterature,
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this simulation was run using the 20 M pro-
genitor model of Ref. [74]. As one can see in this
figure the late time neutrino heating at t ∼ 200
ms leads to an explosion. Indeed, the expansion
of the neutrino heated bubble is quite similar
to the simulation in [20] based upon the Bower
and Wilson EoS. Hence, the stiffer EoS has not
diminished the explosion.
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FIG. 13: Radius versus time post-bounce for
the NDL EoS with the GsKI Skyrme
parameter.
To explore the impact of the new EoSs on
the explosion, Fig. 14 shows kinetic energy ver-
sus time post-bounce for the various Skyrme pa-
rameter sets compared to the Bowers and Wil-
son equation of state as a point of reference.
The early evolution from core bounce (tpb = 0
s) to shock stagnation (tpb ∼ 0.2 s) is relatively
unchanged for different Skyrme models, but dif-
fers from the evolution of the Bowers and Wil-
son equation of state. Even though the neutrino
luminosity is greater for t > 0.26 s in the Bow-
ers and Wilson EoS, this does not significantly
affect the explosion. This difference will, how-
ever, have an affect on the subsequent r-process
nucleosynthesis as will be explored in a subse-
quent paper.
Although the Bowers and Wilson EoS is
softer and leads to a higher neutrino luminosity
at later times the kinetic energy of the explosion
with the Skyrme models is greater for t > 0.2 s.
However, the kinetic energy of supernova sim-
ulations with different Skyrme parameters di-
verge after tpb ∼ 0.2 s. These effects can be re-
lated to differences in the neutrino luminosities,
and thus in the efficiency of neutrino reheating
of the shock as illustrated in Fig. 15a-c.
Fig. 15a shows the electron neutrino luminos-
ity versus time post-bounce, while Figs. 15b-c
show the electron anti-neutrino and µ, τ neu-
trino luminosities, respectively. As is expected,
the neutrino luminosities of the various simula-
tions are similar until tpb ∼ 0.2 s, after which
the different properties of the Skyrme parame-
ter sets lead to differences in the electron neu-
trino luminosity. The Skyrme parameter sets
that result in higher electron neutrino luminosi-
ties also result in higher kinetic energies and
shorter explosion timescales, as is expected. For
all three neutrino flavors, however there is a
bump in neutrino luminosity at t ∼ 0.23 s. We
attribute this to a softening of the core by the
formation of thermal pions. This leads to an
enhanced neutrino luminosity and a more ener-
getic reheated shock as shown in Fig. 14.
There is a general correlation among Skyrme
parameter sets in that those which result result
in the highest maximun neutron star mass (and
are relatively “stiff”) lead to lower explosion en-
ergies. However, the Bowers and Wilson equa-
tion of state, which is too soft to meet the mod-
ern neutron star mass constraint, has the lowest
kinetic energy of all of the simulations shown.
We attribute this at least in part to differences
in the density dependence in the symmetry en-
ergy and the formation of pions. Both of these
cause the the Skyrme DFT EoSs to soften rela-
tive to the Bowers and Wilson EoS at the high-
est densities and temperatures. However, we
caution that there is not one nuclear physics
parameter that describes the relative “softness”
or “stiffness” of the EoS at the highest tem-
peratures and densities, as the response of the
nuclear matter relies on an interplay among the
symmetry energy, compressibility, etc. Never-
theless, it is clear that differences in nuclear
properties, such as the symmetry energy, result
in different behavior for the Skyrme parame-
ter sets, particularly at supra-nuclear densities.
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This leads to divergences at later times in the
neutrino luminosities and evolution of the su-
pernova simulation.
We leave a more detailed analysis of the EoS
dependence of core-collapse supernova, includ-
ing the possible phase transition to quark-gluon
plasma, to a later publication. Nevertheless,
we have shown here that the NDL EoS can be
used to successfully simulate core-collapse su-
pernovae. Moreover, we show that the new EoS
parameter sets presented here lead to an even
more robust explosion than the softer Bowers
and Wilson EoS. This we believe is due in part
to the critical roles of the density dependence of
the symmetry energy and thermal pion forma-
tion in the core.
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FIG. 14: Kinetic energy versus time post-bounce for the NDL EoS with Skyrme parameters found
in Table I and the Bowers and Wilson (B&W) equation of state. (Color available online)
VII. CONCLUSION
We have discussed a new equation of state
for astrophysical applications based upon a den-
sity functional theory approach at nuclear mat-
ter density. We have shown that it is com-
plementary to the most frequently employed
nuclear equations of state for astrophysics:
Shen et al. [2–4], which is based upon the RMF,
and the Lattimer-Swesty EoS [1], which utilizes
a liquid drop model approach. We have adopted
a set Skyrme DFT parameterizations that are
consistent with all known constraints on nuclei,
nuclear matter, and observed properties of neu-
28
tron stars and pulsars. We made a first explo-
ration of their effect on the dynamics of core
collapse supernovae and find that the Skyrme
EoSs all lead to a somewhat more robust explo-
sion.
A first order phase transition to a QGP phase
was also added to the EoS in the context of a
Gibbs construction. Applying the constraints
from LGT for the range of low-baryon-density
crossover temperatures, we were able to match
the known constraints of the current maximum
neutron star mass measurement for a bag con-
stant B1/4 ≥ 190 MeV if the finite baryon den-
sity transition if first order. On the other hand,
if the high baryon-density QCD transition is a
simple crossover, then the neutron star mass
constraint can be easily accommodated for any
value of the bag constant. In future work, we
plan to address the possible effects of a transi-
tion to QGP in CCSNe and failed supernovae
and also explore possible effects of a color su-
perconducting phase [75, 76].
We have also shown that the NDL EoS can
lead to observable consequences in the late time
neutrino luminosities. Uncertainties in nuclear
properties, such as the symmetry energy, cause
the different Skyrme parameter sets to result in
diverging evolution at late times (> 250 ms) in
the supernova simulations. This work confirms
that, in the a core-collapse explosion paradigm,
the equation of state may produce observable
effects in the neutrino light curve, shock dy-
namics, and heavy element nucleosynthesis both
in core-collapse supernovae and black hole for-
mation in failed supernova events. The con-
sequences of this new NDL EoS for the dy-
namics of core collapse supernovae, including a
QCD transition and the impact on nucleosyn-
thesis, will be further explored in forthcoming
manuscripts.
Additionally, we have several future updates
and improvements planned for the NDL EoS, in-
cluding the inclusion of hyperons, an improved
treatment of the nuclear pasta phases, and an
improved treatment of the thermal component
at supra-nuclear densities [77].
With the availability of the Notre Dame-
Livermore (NDL)-DFT Equation of State, there
is now another EoS which allows for an investi-
gation of the dependence of the equation of state
in astrophysical simulations – be it supernova
core-collapse, neutron star mergers or black hole
formation. The density functional theory ap-
proach represents a fundamentally different the-
oretical approach from relativistic mean field
theories and liquid drop models, and draws from
numerous experimental laboratory constraints.
The beneficial nature of gaining insight from
the nuclear domain is mutual, as the contin-
ued observation of heavy neutron stars and
core-collapse supernovae can further constrain
Skyrme parameters.
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FIG. 15: Neutrino luminosities versus time post-bounce for the NDL EoS with Skyrme parameters
found in Table I and the Bowers and Wilson (B&W) equation of state. (Color available online)
